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Abstract

After the first confirmed detection of an exoplanet in 1995, their number has significantly
increased to 3 557 confirmed planets around other stars1. The most successful techniques
for planet search are transit and radial-velocity observations. Due to the large mass ra-
tio between the star and the planet, M dwarfs are favourable for radial-velocity surveys.
The CARMENES instrument mounted at the 3.5 m telescope at Calar Alto Observatory
in Spain consists of two high-precision spectrographs to search for Earth-sized planets in
the habitable zones of M dwarfs. The high-resolution (R � 82 000) spectrographs oper-
ate in the visible (0.55-0.95 �m) and near-infrared (0.95-1.7 �m) wavelength range with
precisions of around 1 ms�1. In order to characterise a potential planet it is necessary to
characterise the host star. For CARMENES science preparation around 1 700 spectra of
523 stars have been taken with other high-resolution spectrographs like CAFE, FEROS
and HRS, to analyse the target candidate sample. I developed an algorithm to determine
fundamental parameters for these stars, i.e. e�ective temperature (Te�), surface gravity
(log g) and metallicity [Fe/H]. The determination of stellar parameters in low-mass M
stars is more di�cult than for hotter stars like the Sun, since their lower temperatures
lead to the formation of molecules showing dense forests of lines in the stellar spectra.
Instead of a line-by-line approach, a more complex full spectral synthesis is necessary.
The PHOENIX-ACES models are up-to-date synthetic spectra especially designed for
low-temperature stellar atmospheres. The algorithm fits the PHOENIX-ACES models
to the observed spectra and determines the best fit using a downhill-simplex method and
�2-minimisation. Spectral lines and ranges are used, which are especially sensitive to
Te� , log g and [Fe/H]. My method gives accurate parameters for a large sample of 323
M dwarfs with uncertainties of 93 K for Te� , 0.29 dex for log g, and 0.25 dex for metal-
licity. Comparisons with literature values present excellent agreement in temperature
and surface gravity. However, in metallicity there is a larger spread compared to mea-
surements from literature. The overall sample statistically agrees with other samples
analysed in earlier studies, although for single stars the deviations can be more than 1�.
Accurate metallicity determinations in low-mass stars are very challenging and possi-
ble explanations for metallicity discrepancies, e.g. inconsistencies in synthetic models
or the use of di�erent determination methods, definitely need further and more detailed
investigations.

1www.exoplanet.eu, Dec. 2016
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1. Introduction

The main goal of this work is the development of a method to derive accurate funda-
mental stellar parameter of M dwarfs from their spectra in the framework of planetary
system characterisation. In the following sections I will give an introduction to the dif-
ferent methods for detecting exoplanets, theCARMENESproject and the challenges of
spectral characterisation, especially for low-mass stars.

1.1. Exoplanets

Mankind has always been fascinated by the idea of extraterrestrial life on planets outside
of our solar system. Looking at the millions of stars in our Milky Way, the possibility
of having other planets orbiting these stars cannot be denied. Already in 1584 Giordano
Bruno said:

“There are countless suns and countless earths all rotating round their suns
in exactly the same way as the seven planets of our system. (...) The count-
less worlds in the universe are no worse and no less inhabited than our
earth. For it is utterly unreasonable to suppose that those teeming worlds
(...) should be uninhabited and should not bear similar or even more perfect
inhabitants than our earth.”(from Bettex, 1965)

Despite uncountable science �ction scenarios about other worlds, scientists developed
more and more advanced technologies and instruments, so �nally in 1992 the �rst extra-
solar planet candidate was detected. Wolszczan & Frail (1992) found timing variations
in the radio pulses of the millisecond pulsar PSR B1257+12. Although several exoplan-
ets have already been claimed in the late 1980s and early 1990s (e.g. Campbell et al.,
1988, Hatzes & Cochran, 1993), the �rst con�rmed exoplanet was found by Mayor &
Queloz (1995) using the radial-velocity (RV) method. 51 Pegasi b orbits a Sun-like
star with a period of 4.2 days. Since then the number of detections has increased every
year. By the end of 2016, 6 177 planets were claimed, 3 557 of them con�rmed (exo-
planet.eu). Most of them have been found using radial-velocity measurements and transit
photometry. This work uses spectroscopic observations and serves as a preparation for
the CARMENESradial-velocity survey. However, there are several other methods for
detecting exoplanets. Fig. 1.1 presents the masses of exoplanets detected with di� erent
techniques as a function of stellar mass. So far, only a few sub-Jupiter mass planets have
been found around M dwarfs (M. 0.7 M� ), which encourages next generation planet
search projects to close this gap. In the following sections I will brie�y describe the
habitable zone and di� erent methods for exoplanet detection. A more detailed study is
presented by Perryman (2011).

1



1. Introduction

Figure 1.1.: Planet detections using di� erent techniques. Only a few sub-Jupiter mass
planets have been detected around low-mass stars so far, mainly from transit and radial-
velocity (RV) observations.

1.1.1. Habitable zone

The detection of exoplanets showed that other worlds indeed exist in our galaxy. As a
consequence the interest in �nding habitable planets increased. A planet is considered
habitable if the surface temperature is within the range where liquid water can exist,
which is believed to be the key requirement to develop life as we know it. To ful�l this
requirement the planet has to orbit within a certain zone around its host star, called the
“habitable zone”. Huang (1959) �rst brought up the concept of the habitable zone. The
classical habitable zone for main sequence stars was de�ned by Kasting et al. (1993). A
diagram is shown in Fig. 1.2. They de�ned the width of the habitable zone around main
sequence stars assuming a planetary atmosphere similar to Earth with carbon-dioxide,
water and nitrogen. The loss of water caused by hydrogen escape and photolysis de-
termines the inner edge of the zone. At the outer edge CO2 clouds are formed, which
increase the planet's albedo and cool down its surface. For the solar system these es-
timates transfer to a habitable zone at distances between 0.95 and 1.37 AU from the
Sun. However, the actual width of the habitable zone depends on many factors, e.g.
the stellar spectral type and age, the planetary size and rotation, the orbital eccentric-
ity, the presence of greenhouse e� ect and internal heating, atmospheric composition and
circulation. The stellar spectral type is important in two ways. First, it constrains the
wavelength where most of the stellar �ux is emitted, and therefore the stellar temper-
ature. The later the spectral type and lower the temperature of the star, the closer the
habitable zone is to the star. Second, it also de�nes the lifetime of the star and conse-

2



1.1. Exoplanets

Figure 1.2.: Plot showing the stellar mass as a function of the planet's distance to the
star in AU. The habitable zone (HZ) is indicated by the solid lines. Spectral types are
written on the left. Image credit: reprinted from Kasting et al. (1993), Fig. 16, with
permission from Elsevier.

quently if life on the planet has enough time to evolve. Given that life needs at least 3.7
billion years to evolve (shown by the oldest fossils found on Earth, see Nutman et al.,
2016), stars with spectral types earlier than F are not suitable. Even F-type stars might
evolve too rapidly to support the evolution of intelligent life. Late K and, especially, M
dwarfs have lifetimes of up to 13 Gyrs. However, they may not be suitable for life either.
The habitable zones around these stars lie within the tidal lock radius, so the planet will
face the star always with the same side. However, this does not necessarily mean that
the planet is inhabitable. If there is su� cient atmospheric heat transport (Haberle et al.,
1996) to avoid freezing on the night-side and a strong enough magnetic �eld (Tarter
et al., 2007) to prevent the loss of the planet's atmosphere, the planet might be habitable.
Also, most M dwarfs are highly active, having a high rate of coronal mass ejections and
strong ultraviolet radiation (Buccino et al., 2007), which is known to damage biological
systems and destroy DNA. Here again a strong magnetic �eld could protect the planet
from stellar UV radiation. The planetary properties can extend the outer boundary of
the habitable zone, whereas the inner edge was found to be rather constant by runaway
greenhouse e� ect and therefore water loss (Kasting, 1988). The radius of the planet is
also important for its habitability. With too small of a radius, i.e. mass, the gravitation is
too weak to keep the planetary atmosphere. Also plate tectonics stop, which are thought
to be an important part in the CO cycle due to the presence of volcanic activity. If the
planet is too massive, it will start accreting H and He to become a gas giant. The limits

3



1. Introduction

in planet size lie between 0.8–2.2RE (0.5–10ME, Perryman, 2011).

1.1.2. Radial-velocity method

In a planetary system all bodies, including the star, orbit around the center of mass. The
stellar motion causes a periodic red- and blue-shift of the star's spectral lines, which can
be detected. The maximum shift of the spectral lines is called Kepler amplitude and is
de�ned as

K =
 
2� G

P

!1=3 Mp sini
(Ms + Mp)2=3

1
(1 � e2)1=2

(1.1)

with G being the gravitational constant,P the period of the planet,Mp the planetary
mass,Ms the stellar mass,e the eccentricity of the orbit, andi the inclination of the orbit
with respect to the line of sight.
A Keplerian orbit can be described by 7 parameters, which are the semi-major axisa, the
eccentricitye, the periodP, the inclinationi, position of the planet on its orbit at a certain
timetp usually with respect to the pericenter passage (described as time-dependent angle
� (t)), the argument of pericenter relative to the ascending node! and the longitude of
the ascending node
 . From radial-velocity measurements alone, only a combination of
Mp sini andasini can be derived. Other directly observable parameters areP;e; tp and
! . Fig. 1.3 depicts the planetary orbit and all its elements described above.
Equation 1.1 shows that larger planets on closer orbits to the star produce a larger signal.
Because of that radial-velocity detections up to now are biased towards this regime.
New-generation spectrographs with higher precision will extend the parameter space.
The signal also increases towards lower masses of the host star. This and the fact that
the habitable zone moves closer to the star with lower luminosity, brought M dwarfs
more and more into focus of planet searches (e.g.CARMENESsee Section 1.2.2). In
general, the RV signal of Jupiter around the Sun is 12.5 ms� 1, whereas for Earth the
signal is only 0.09 ms� 1. A 2 M� planet in the habitable zone (about 0.15 AU) around
an M4 star gives a signal of about 0.9 ms� 1 and therefore could be detectable with up-
to-date spectrographs, which aim for a detection limit in the 1 ms� 1 regime and below
(see Section 1.2). First M-dwarf radial-velocity surveys have already started in the early
2000s, e.g. Endl et al. (2003), Kürster et al. (2009).
However, several aspects need to be taken into account to reach these low limits. E� ects
which contribute to the measured radial-velocity curve are the Earth's motion around the
Sun, the star's radial motion through space, line shifts due to stellar convection, spots
and the star's gravitational �eld. Another crucial aspect is the wavelength calibration.
In order to detect a radial-velocity shift the wavelengths of the lines in the rest frame
need to be known with high accuracy. This can be achieved by using di� erent types of
lamps (e.g. iodine, thorium-argon), laser-frequency combs or Fabry-Pérot etalons (see
Section 1.2.1).

4



1.1. Exoplanets

Figure 1.3.: Description of the planet's orbital elements.

1.1.3. Transit method

The �rst exoplanet transit detected was HD 209458 by Henry et al. (1999). Until Decem-
ber 30, 2016, 2 697 transiting planets have been detected from ground- and space-based
observatories (exoplanet.eu). With suitable alignment of the planetary orbit with respect
to the observer's line of sight, the planet crosses the stellar disk periodically. The drop in
stellar �ux � F can be measured and is directly proportional to the size ratio of star and
planet

� F =
 
Rp

Rs

!2

(1.2)

whereRp andRs are the planetary and stellar radii, respectively.
The e� ect is very small, the drop in �ux for a Sun-like star orbited by a Jupiter-like
planet is about 1 percent. This favours transit searches around low-mass stars in order to
detect Earth- or Super-Earth-sized planets, e.g. the MEarth project (Charbonneau et al.,
2008, see Section 1.2.3). To be able to observe a transit, the inclination angle of the orbit
is very important. It depends on the stellar radius and the planet's semi-major axis and
eccentricity. The minimum angle is usually close to 90 degrees and de�ned by

cosimin =
Rs

a
1

1 � e2
(1.3)

5



1. Introduction

wherea is the planet's semi-major axis ande the eccentricity of the orbit.
From a transit lightcurve, the main observables are the transit depth, length and period.
Having an estimate about the stellar mass and radius, e.g. from spectroscopy, the plan-
etary radius and the semi-major axis can be derived. Seager & Mallén-Ornelas (2003)
present a unique solution of planetary and stellar parameters. This solution exists under
the assumptions of a circular orbit, negligible limb-darkening for observations at infrared
wavelengths and ignoring all possible contaminating sources (e.g. background eclipsing
binaries). With this and assumptions about the stellar mass-radius relation six physical
parameters can be derived:Ms;Rs;Rp; i; a and the stellar density� s. For eccentric orbits
this solution does not hold anymore and more complex equations need to be applied.
The eccentricity itself can be theoretically derived from the di� erent transit ingress and
egress times. In general, this e� ect is hard to detect and additional radial-velocity mea-
surements are necessary.
There are several other phenomena that deform the transit lightcurves and theoreti-
cally can be detected. Those include star spots, planetary rings or moons, and other
non-transiting planets (from transit timing variations, see Section 1.1.6). Using transit
spectroscopy, the planetary atmosphere can be investigated when the stellar light shines
through the atmosphere during transit.

1.1.4. Direct Imaging

In this method an image of the planet is obtained, with the main goal to prove its exis-
tence. It can be observed either in visible wavelengths due to re�ected light from the host
star, or in the infrared due to the thermal emission of the planet itself. The major prob-
lems with this method are the small star-planet brightness ratios and the small angular
distances between star and planet. The brightness ratio depends on many properties, like
the spectral type and luminosity of the star, the size, age and composition of the planet
as well as its atmospheric scattering properties and its semi-major axis. Typical ratios
lie between 10� 5 in the infrared and 10� 10 in the optical wavelength range. The angular
distance of the planet depends on the current position on its orbit and on the distance of
the system to the observer. Typical values range from 0.1–0.5 arcsec and therefore the
planet lies within the stellar glare. Several techniques try to improve observations and
reduce disturbing e� ects to make a planet detection via imaging possible.
With observations from the ground, the “seeing” caused by atmospheric turbulences is
the major issue. To compensate for that adaptive optics are used. A sensor analyses the
distorted wavefronts and a correction is applied by deforming several movable mirror
segments of the telescope. This technique allows for corrections in the order of 1 ms.
For analysing the wavefront a bright star near the target star is necessary. Because bright
stars are rather rare on the sky, laser guide stars are employed. The lasers ionise the
atmospheric sodium layer at an altitude of 80–100 km nearby the target star. This gives
a point light source that acts as an arti�cial star for wavefront correction.
To reduce the stellar light that outshines the planet, coronographic masks are used. Those
either block the stellar light by introducing a physical mask in the focal plane of the
telescope (e.g. Lyot coronography, Lyot, 1939, Malbet, 1996) or cancel the light through
self-interference by the use of phase masks (e.g. four-quadrant phase mask, Rouan et al.

6



1.1. Exoplanets

(2000); optical vortex coronograph, Foo et al. (2005), Swartzlander et al. (2007)).
A prominent image of an exoplanet is the one from Fomalhaut b. Fomalhaut is a main-
sequence star of spectral type A3 surrounded by a debris disk. With observations from
Keck and Gemini, Kalas et al. (2009) showed evidence of a less than 3 Jupiter-mass
planet orbiting at the inner edge of the debris disk at about 115 AU.

1.1.5. Astrometry

The motion of star and planet around the barycenter causes a physical displacement of
the star on the sky. Projected on the sky plane this motion describes an ellipse with
semi-major axis

� =
 
Mp

Ms

! � a
1AU

�  
d

1pc

! � 1

arcsec (1.4)

whered is the distance between observer and system.
Other than radial-velocity measurements, which yield only an estimate of the planetary
massMp sini, because the orbital inclinationi can not be determined separately, the
astrometrical method provides the planetary mass directly if the stellar mass is known.
As can be seen from this equation, astrometry is very sensitive to near-by stars with
planets in long-period orbits. The size of the e� ect can be rather small, depending on the
planetary mass. Seen from a distance of 10 pc, the Earth would introduce a signature of
0.3 � as, whereas Jupiter would give a signal of 500� as.
There are many e� ects that make it di� cult to detect these small signals. For observa-
tions from the ground the main limit is atmospheric seeing, which is typically around
1–3 arcsec. This limit can be pushed using adaptive optics, so that short-term precisions
of around 100� as have been achieved with the near-infrared imager NACO on VLT
(Neuhäuser et al., 2007). Up-to-date space missions like GAIA demonstrate precisions
of around 24� as (ESA, 2016). In the� as-regime, higher-order physical e� ects gain in-
�uence. Examples for those are the stellar motion through space, light de�ection by the
Sun's or Jupiter's gravitational �eld, the Earth's motion around the solar system barycen-
ter, and “jitter” from the stellar surface caused by spots, granulation or oscillations.

1.1.6. Timing

As explained in Section 1.1.2, the star and the planet orbit around the center of mass. If
the star produces a periodic signal, e.g. a pulsar, the change in the signal's period can be
measured due to light travel time. The amplitude of this change is described by

� p =
1
c

asiniMp

Ms
(1.5)

wherec is the speed of light anda the semi-major axis of the orbit.
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Any stellar object possessing periodic time signals can be used for detection. These
are pulsars, pulsating stars and eclipsing binaries. Pulsars are fast rotating highly-
magnetised neutron stars, emitting narrow beams of radio emission along their magnetic
dipole axis. Because of a misalignment of the spin and the magnetic axes the beams can
be observed as pulses at the star's rotation period. Pulsars are classi�ed as “normal” pul-
sars with rotation periods of around 1 second, or as “millisecond” pulsars with periods in
the millisecond regime. The latter ones are very suitable for planet detections, because
their period is stable within ns (e.g. PSR J0437-4715, van Straten et al., 2001). The
�rst exoplanet was detected around the millisecond pulsar PSR B1257+12 (Wolszczan
& Frail, 1992). Until the end of 2016 24 planets have been con�rmed around pulsars
(exoplanet.eu).
White dwarfs can also be used for timing methods. Some of them are the most stable
pulsators known, e.g. G117-B15A with a stability of around 10� 15s s� 1 (Kepler et al.,
2005). During their cool-down phase, C/O, He and H become partially ionised in the
photosphere and generate multi-periodic non-radial g-mode pulsations. They have pul-
sation periods between 100–1000 s.
Planets around eclipsing binaries can be detected due to the varying eclipse times of
the binary system. These transit-timing variations (TTVs) can also be used to detect
additional, non-transiting planets from the transit lightcurves of known planets in a sys-
tem. In 2012, the �rst circumbinary planetary system was detected around Kepler-47AB
(Orosz et al., 2012). The binary stars have a period of 7.45 days. The inner planet b has
a period of 49.51 days and a radius of about 3 Earth-radii. The outer planet c is larger
with about 4.6 Earth-radii and a period of 303.16 days.

1.1.7. Microlensing

The gravitational potential of a foreground object can bend light from a distant back-
ground object if both objects happen to be in favourable alignment with the observer. In
this context the foreground object acts as a lens and the background object is considered
as the source. The result are (often multiple) distorted images of the source, which can
be focused and therefore ampli�ed. The ampli�cation varies with time due to the motion
of observer, lens and source. The lightcurve also changes depending on the complexity
of the lens, which makes it possible to detect orbiting planets from additional magni�ca-
tions. Because these events need a precise alignment (within the angular Einstein radius,
see Equation 1.8) between observer, lens and source, the probability for one event is
about 10� 8. In surveys, large numbers of stars, preferable towards the Galactic bulge
region where the stellar surface density is high, are monitored simultaneously. Fig. 1.4
shows a schematic of a lensing event, an observed lightcurve caused by the lensing event
of OGLE-2005-BLG-071 is pictured in Fig. 1.5. The additional magni�cations peaks
reveal the presence of a planet, where the three cusps of the stellar caustic lead to the
triple peak shape of the magni�cation. The event was discovered by Udalski et al. (2005)
and further analysed by Dong et al. (2009), who claimed a stellar mass of 0.46� 0.04M�

and a planetary mass of 3.8� 0.4 MJ.
From the geometry several equations can be derived to describe the event. The Schwarz-
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Figure 1.4.: Schematic of a lensing event for a lens with massML at distanceDL from
the observer. The source is located at a distanceDS from the observer and at a distance
DLS from the lens. The light from the source is de�ected under the angle� GR and creates
an image, which is seen under the angle� I by the observer.

schild radiusRS depends on the massML of the lensing object

RS =
2GML

c2
(1.6)

The Schwarzschild radius de�nes the radius of a collapsed object, where the escape
velocity from the surface would be equal to the speed of light. It can be used to describe
the de�ection angle� GR

� GR =
2RS

b
=

4GML

c2b
(1.7)

with the impact parameterb.
The characteristic angle� E, the angular Einstein radius, and the characteristic lengthRE,
the linear Einstein radius, are de�ned by

� E =
 
2RS

DLS

DLDS

!1=2

(1.8)

RE = � EDL =
 
2RS

DLDLS

DS

!1=2

(1.9)

From the lightcurve the geometry and the mass distribution of the system can be inferred.
The �rst detection of an exoplanet using the microlensing method was reported in 2004
by Bond et al. (2004). By the end of 2016, 52 planets have been found by this method
(exoplanet.eu).
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Figure 1.5.: Example of a typical microlensing lightcurve of OGLE-2005-BLG-071.
The upper insets show a zoom-in on the planetary anomaly near the peak, the lower
insets illustrate the path of the source passing near the stellar caustic. The three cusps
of the caustic are represented by the triple peak in the lightcurve. Image credit: Udalski
et al. (2005), Fig. 1, reproduced with permission of the AAS.
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1.2. Spectroscopy

1.2. Spectroscopy

In the following I will focus more on spectroscopy with view on radial-velocity mea-
surements and surveys, especiallyCARMENES, but also with a short overview on other
RV planet search projects. In the end of this section the challenges with spectroscopic
investigation of low-mass stars will be discussed.

Investigating the electromagnetic spectrum of a light source or hot medium emitting
electromagnetic radiation is a powerful tool to study the chemical composition of the
medium. White light can be split into its di� erent wavelength components by a sim-
ple glass prism because the refraction angle is wavelength dependent. The result is a
multicolour spectrum (case a) as shown in Fig. 1.6.

Figure 1.6.: Refraction of light from a hot blackbody into a) a continuous spectrum,
b) absorption spectrum when observed through an absorbing medium, and c) emission
spectrum of the medium itself.

An absorption spectrum (case b) is a spectrum of white light containing dark lines, where
photons of a certain energy were absorbed by a medium between the light source and the
observer. The absorbing medium can be identi�ed from these lines since every element
has its one characteristic absorption spectrum.
In contrast to that is the emission spectrum (case c). Emission occurs when an electron
in an atom decays from a higher energy state to a lower one by emission of a photon.
The energy of the photon is equivalent to the energy di� erence between the two states,
resulting in a spectral line of a certain wavelength. Since many atoms of the same species
can be in di� erent excited states and relax to di� erent lower states, several spectral lines
of di� erent energies are produced. The atoms can be identi�ed from the wavelengths of
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their spectral lines, which are known from laboratory experiments and calculations.

The �rst studies of the solar spectrum have been made in the 17th century by Kircher
(1646), Marci (1648), Boyle (1664) and Grimaldi (1665), prior to the work done by
Newton (1672), and all of them using a simple prism to split the solar light into spectral
lines. In the 19th century, more than a hundred years before the �rst con�rmed exoplanet
detection, Niven (1874) proposed the possibility of observing the radial-velocity shift of
a star induced by an orbiting planet.

The design of the spectrograph changed over the centuries and especially the last decades.
First, simple glass prisms were used, as described by Kircher (1646) and the other au-
thors of the 17th century mentioned before. Newton (1730) already introduced a slit of
0.1 inch to increase the resolution of the spectrum. The �rst collimator lens was used by
Simms (1840). The spectrographs got more and more advanced, e.g. by using di� erent
arrangements of prisms and lenses, but prisms were used until the early 20th century.
Waterhouse (1890) and later Ames (1892), Wadsworth (1895) and Wadsworth (1898)
describe the use of a grating in spectrographs. Michelson (1898) already explained the
principles of an early form of echelle spectrograph (under the name echelon spectro-
scope), using a grating at grazing angles.

The echelle spectrograph uses an echelle grating, a plane re�ection grating with a blaze
angle of typically 60� . The blaze angle de�nes the angle by which the re�ective steps
are inclined with respect to the grating plane. The light is split into multiple orders
with high order number that overlap each other (e.g. Porter, 2000). A cross disperser,
with the dispersion direction orthogonal to the echelle grating, is mounted into the beam
path to separate the di� erent orders before detection on the Charge-Coupled Device
(CCD). These spectrographs are operated until today since they are able to provide large
wavelength coverage. A schematic of an echelle spectrograph is shown in Fig. 1.7.

Figure 1.7.: Schematic of an echelle spectrograph.
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1.2.1. Wavelength calibration

The wavelengths of a spectral line cannot be directly measured on the CCD; only the
pixel position is known. To translate the pixel position into absolute wavelength, the
spectrograph system has to be calibrated. This is done by obtaining a reference spectrum
of a medium where the wavelength of each spectral line is known. Several devices can
be used for that purpose, e.g. iodine absorption cells, hollow-cathode lamps (HCL),
Fabry-Pérot interferometers or laser frequency combs.

Iodine absorption cells (e.g. Marcy & Butler, 1992) are very simple and low cost cal-
ibrators. The absorption spectrum contains a high density of lines between 5 000 and
6 300 Å . The cells are long-term stable and need almost no maintenance.

Most echelle spectrographs today use HCLs. The lamps consist of a hollow metal cylin-
der, typically thorium or uranium, �lled with a noble gas like argon or neon (Kerber
et al., 2007). The gas atoms are exited by collisions with electrons that migrate from
the cathode to the anode. The exited gas atoms collide with the cathode and excite the
thorium or uranium atoms, which emit photons by relaxing into a lower energy state.
The wavelengths of these emission lines are well known from measurements and calcu-
lations (e.g. Lovis & Pepe, 2007, Redman et al., 2014). However, since the precision of
up-to-date and future spectrographs increases, HCLs have become insu� cient because
of their limited number of lines, irregular distribution and blends of lines.

A Fabry-Pérot interferometer provides a dense grid of lines with regular distribution
over the whole spectral range. It consists of two semi-transparent mirrors, where the
light rays enter on one side, are re�ected between the mirrors and interfere with each
other, and are transmitted to the other side, where they show an interference pattern.
Fabry-Pérot etalons can have di� erent designs either using a single glass plate with two
re�ecting surfaces, a glass �bre with coating on both ends, or two mirrors in a mount.
The wavelength of each interference peak depends on the distance between the mirrors
or the re�ecting surfaces. The wavelength solution obtained from HCLs can be used
to estimate this distance. The combination with HCLs makes Fabry-Pérot etalons into
high-precision wavelength calibrators, as shown by Bauer et al. (2015).

A relatively new technique are frequency combs generated from mode-locked femto-
second-pulsed lasers (e.g Braje et al., 2008, Murphy et al., 2007, Wilken et al., 2010).
The laser produces light pulses of a few femtoseconds which are fed into a high disper-
sive �ber. The �ber performs a Fourier transformation on the continuous wave trains,
which results in a spectrum of unresolved lines that are equidistant in frequency space
depending on the frequency of the laser. The frequency can be locked to an extremely
precise source like an atomic clock. Together with a reference line (e.g. from ThAr) the
frequencies can be translated into wavelengths. This technique provides a wide spectral
coverage with long-term stability and precisions down to the cms� 1 regime, but is also of
much higher cost than Fabry-Pérot interferometers. Since the Fabry-Pérot interferome-
ter combined with HCLs provide a high-precision wavelength calibration together with
low acquisition costs, this system is used for theCARMENESspectrographs.
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1.2.2. CARMENES

TheCalar Alto high-Resolution search for M dwarfs with Exo-earths with Near-infrared
and optical Echelle Spectrographs(hereafterCARMENES) is a joint project between
11 German and Spanish institutions. The instrument is installed at the Zeiss 3.5 m
telescope at Calar Alto Observatory, located in the Sierra de Los Filabres, Almería,
in southern Spain. The two �bre-fed spectrographs operate in the visible wavelength
range from 0.55–0.95� m, and in the near-infrared from 0.95–1.7� m with a resolution
of R � 82 000. They are constructed for high long-term stability, which allows for radial-
velocity measurements with high precision of about 1 ms� 1 (Quirrenbach et al., 2010,
2012, 2014). Fig. 1.8 shows the spectrum of Luyten's star from both spectrographs.
During the project, which started in January 2016, around 300 M dwarfs are being ob-
served with the aim of detecting planets in the habitable zone of their host stars. The
main focus lies on low to moderately active stars with spectral types later than M4 V.
Using Equation 1.1 together with the mentioned precision of around 1 ms� 1 shows that
it should be possible to detect a 2-Earth-sized planet in the habitable zones (0.1 AU) of
M3 V stars (0.3R� ). In addition, the target stars are located very nearby in the solar
neighbourhood, which allows further characterisation of potential planets. The simulta-
neous observations in the visible and near-infrared are advantageously for distinguishing
between a signal caused by a planetary companion or stellar activity. It was shown by
Martín et al. (2006) that stellar activity seems to have less impact on the RV amplitude in
the near-infrared compared to the visible, whereas a planet would give the same signal in
both channels. Another reason for observing in the near-infrared is that for cooler stars
the overall energy distribution shift towards longer wavelengths, peaking in the near-
infrared for M dwarfs. Fig. 1.9 shows the energy distributions for a Sun-like star and a
mid-M dwarf. A huge amount of time has been invested to collect information about the
target sample, either from literature or from new low- and high-resolution spectroscopy
and imaging. This ensures that theCARMENESguaranteed time of 600 clear nights is
spent in the most e� cient way. Alonso-Floriano et al. (2015) present results obtained
from low-resolution spectroscopy concerning spectral types and activity, whereas Je� ers
et al. (submitted), Passegger et al. (in prep.) and this work focus on science preparation
using high-resolution spectroscopy. All information about the target stars is collected
in the CARMENESCool dwarf Information and daTa Archive (hereafterCarmencita).
A very detailed description of theCarmencitadatabase was done by Cortes-Contreras
(2016). The archive contains parameters of approximately 2 200 M dwarfs, including ac-
curate distances, rotational, radial and Galactocentric velocities, photometry in 20 bands
from the ultraviolet to the mid-infrared, spectral types, e� ective temperatures, surface
gravities, metallicities, H� emission, X-ray count rates and hardness ratios, membership
in open clusters and young moving groups, information about close and wide multiplic-
ity, target in other RV surveys, and exoplanet candidacy (Caballero et al., 2013). Target
stars have been selected according to two criteria. First, they need to be observable from
Calar Alto Observatory, having declinations� > –23 deg, and second, the brightest stars
for each spectral type have been selected. The faintest targets in the catalogue are of
J=11.5 mag. For selecting stars for the �nal target list, the potential targets have been
divided into four priority groupsAlpha, Beta, GammaandDelta. TheAlphagroup con-
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tains stars with highest priority, which are the brightest ones for each spectral subtype.
These are around 300 stars, as mentioned before.Betastars are still relatively bright
and serve as backup. The faintest stars are collected in theGammagroup, which is the
majority of all potential targets. Finally, theDelta group consists of stars with physical
or visual companions within 5 arcsec, whose light could contaminate the spectra of the
target stars. Fig. 1.10 shows the distribution ofCarmencitastars on the sky and as a
function of spectral type.

With this work, fundamental parameters of the target stars are determined, which will
help to characterise potential planets found withCARMENES.

Figure 1.8.: CompleteCARMENESspectrum of Luyten's star (Gl 273) for the visible
(blue) and the near-infrared (red) spectrograph. The gray regions show telluric contami-
nation. Image credit: Mathias Zechmeister.

Figure 1.9.: Model spectrum energy distributions of a Sun-like star (G0 V, black) and
an M-dwarf (M4.5 V, red), showing the peak being shifted towards longer wavelengths
for lower temperature.
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Figure 1.10.: Distribution ofCarmencitastars on the sky (left) and as function of spec-
tral type (right). The di� erent priority groups are colour-coded. Image credit: Cortes-
Contreras (2016), reprinted with permission.

1.2.3. Other M-dwarf surveys

BesidesCARMENESthere are several other planet search surveys that focus mainly or
partially on M dwarfs. A short description of some of them follows.

Current

HARPS HARPS (Mayor et al., 2003) is a �bre-fed, cross-dispersed echelle spectro-
graph with a resolution ofR � 115 000. The two �bres simultaneously observe the sky
and a ThAr reference spectrum, covering a wavelength range from 380 to 690 nm. The
instrument is highly stable with a precision of 1 ms� 1. Although the target stars show a
wide range of spectral types, a sub-sample of M dwarfs has been observed by Bon�ls
et al. (2013).

MEarth Although MEarth (Irwin et al., 2015) is a transit survey in contrast to the
other mentioned projects, it will monitor a huge sample of about 3 000 nearby M dwarfs
with the aim to detect Earth-sized planets in their habitable zone. It is operating with
two stations in the northern and southern hemisphere. MEarth-North is located at the
Fred Lawrence Whipple Observatory on Mount Hopkins, Arizona, and operating since
September 2008. MEarth-South is located at the Cerro Tololo Inter-American Obser-
vatory in Chile, in operation since January 2014. Each station uses eight 0.4 m robotic
telescopes. Due to the large spread of targets across the sky, a set of targets is observed
in cyclic order during night and the telescopes return to each star every 20–30 minutes
taking only a few exposures per visit. The data is analysed in real time, so an ongoing
transit can be identi�ed and follow-up observation can be performed immediately.
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Future

CRIRES+ CRIRES+ (Follert et al., 2014) is an upgrade to the existing CRIRES in-
strument mounted at ESO VLT-UT1 on Paranal in Chile (Kaeu� et al., 2004). The high-
resolution spectrograph, covering only a short wavelength range of 15 nm in the near-
infrared, will be transformed into a cross-dispersed echelle spectrograph. It will also be
equipped with a spectro-polarimetric unit and new gas-cells and etalons for wavelength
calibration. The high spectral resolution ofR � 100 000 and the existing wavelength
ranges will be preserved. CRIRES+ will focus on three scienti�c topics, the search for
Super-Earths in the habitable zone of low-mass stars, their atmospheric characterisation
via transit spectroscopy, and close investigation of stellar magnetic �elds.

ESPRESSO The ESPRESSO (Echelle SPectrograph for Rocky Exo-planets Search
and stable Spectroscopic Observations) instrument (Pepe et al., 2013) is a �ber-fed,
cross-dispersed, high-resolution echelle spectrograph that will be mounted at the ESO
VLT on Paranal in Chile. It will be able to collect light from all four UTs to observe very
faint objects. The wavelength range from 380–780 nm will be covered with a spectral
resolution of up toR � 225 000. A long-term precision of around 10 cms� 1 allows for
detection of Earth-mass planets around Sun-like stars. The target sample covers Sun-like
and low-mass dwarfs down to spectral type M4 V.

HPF The Habitable Zone Planet �nder (Mahadevan et al., 2015) will be mounted at
the 10 m Hobby-Eberly telescope in Texas, USA to search for low-mass planets in the
habitable zones of mid- to late-M dwarfs. The �bre-fed, high-resolution (R � 50 000)
spectrographs cover the z, Y and J bands in the NIR.

IRD The InfraRed Doppler instrument (Kotani et al., 2014) will be installed at the
Subaru 8.2 m telescope to search for Earth-sized planets around M dwarfs. With high
resolution ofR � 70 000 the spectral range spans from 0.97 to 1.75� m. To achieve
precisions of 1 ms� 1 a laser frequency comb is used for wavelength calibration.

SPIRou SPIRou (Spectro-Polarimetre Infra-Rouge, Artigau et al., 2014) will be op-
erational in 2017 at the Canada-France-Hawaii-Telescope. The high-resolution (R �
70 000) instrument covers a spectral range from 0.97 to 2.4� m in the NIR to hunt for
Earth-sized planets orbiting mid-M dwarfs. The spectro-polarimeter will be used for
the second science goal, which is the investigation of magnetic �elds and their impact
on planet formation. SPIRou will also serve as follow-up instrument for TESS (Tran-
siting Exoplanet Survey Satellite) to determine the masses of planetary candidates via
high-precision (~1 ms� 1) radial-velocity measurements.
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1.3. Spectral characterisation

In order to be able to characterise a planetary system it is important to accurately char-
acterise the star. There are many properties (e.g. radius, mass, age, temperature, spectral
type, surface gravity, metallicity, rotational velocity, colour, brightness, luminosity, ...)
that can be determined using di� erent techniques (e.g. interferometry, spectroscopy,
photometry, eclipsing binaries, modelling, ...). However, from the stellar spectrum alone
it is possible to derive many fundamental parameters, such as e� ective temperature, sur-
face gravity, metallicity, spectral type and projected rotational velocity (vsini). The
importance of these parameters in the context of planet search is described shortly in the
following.

Effective temperature The e� ective temperature,Te� , of a star is a key parameter in
stellar characterisation and refers to the temperature of a blackbody emitting the same
amount of electromagnetic radiation as the star across all wavelengths. As mentioned in
Section 1.1.1 the limits of the classical habitable zone are de�ned from the spectral type,
equivalent to the temperature of the star, which is speci�ed by the wavelength where
the stellar energy distribution peaks. Furthermore this helps to calculate the amount of
radiation the planet receives, and together with other planetary properties models can
project, if the planet can be considered habitable. The key planetary properties are its
mass and radius. The mass can be inferred from the radial-velocity shift if the mass of
the star is known, e.g. from evolutionary models (Bara� e et al., 1998) or observational
relations (Mann et al., 2015). Together with transit observations the degeneracy on sini
can be broken, and the planetary radius can be derived if the stellar radius is known,
e.g. from interferometry or empirical relations using eclipsing binaries. Additionally,
a transit gives the opportunity to characterise the planets atmosphere by doing transit
spectroscopy.

Surface gravity Constraining the surface gravity, hereafter logg, is relevant in two
ways. From the spectral type alone it is not possible to unambiguously distinguish be-
tween a red dwarf and a giant star. Both energy distributions peak in the red to near-
infrared wavelength ranges and the spectra show absorption lines from molecules due to
the low stellar temperature. Determination of logg can clarify the evolutionary state of
the star. For main-sequence stars logg values lie between 4.5 and 5.5 (Angelov, 1996).
Furthermore, the stellar mass and radius can be estimated with logg knowing or assum-
ing the stellar density� .

Metallicity Several studies (e.g. Gonzalez, 1997, Gonzalez et al., 2001, Laws et al.,
2003, Santos et al., 2004, Valenti & Fischer, 2005) report a possible relation between
stellar metallicity and giant planet occurrence for solar-like stars. Also for M dwarfs
this trend seems to hold (e.g. Bon�ls et al., 2007, Gaidos & Mann, 2014, Neves et al.,
2013, Schlaufman & Laughlin, 2010), showing that planet hosting stars are slightly more
metal-rich than stars without planets. These observations are consistent with the core-
accretion model explaining giant planet formation. In the accretion model (Ida & Lin,
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2004, Wuchterl et al., 2000) dust agglomerates via inelastic collisions forming grains.
As grains grow to larger bodies, gravitational accretion dominates the growth. For giant
planets the core accretion phase needs to be su� ciently short in order to accumulate
enough gas before dissipation. An increased metal content of the proto-planetary disk
likewise increases the accretion rate since dust grains accumulate easier (Kornet et al.,
2005, Mordasini et al., 2008). For lower mass planets the relation between higher metal-
licity and planet occurrence seems to �atten, with stars hosting a Neptune-sized planet
having slightly lower metallicities compared to Jupiter host stars (Ghezzi et al., 2010,
Mordasini et al., 2008, Sousa et al., 2008). However, the determination of metallicity
can be important for selecting promising targets for planet host candidacy.

Rotational velocity Stellar rotation is one of many reasons for line broadening in the
spectrum. The faster a star rotates the broader are the lines. This makes it more di� -
cult to detect a radial-velocity shift. Because the radial-velocity method searches for a
shift in the position of stellar spectral lines, the line centers need to be determined very
accurately in order to calculate the wavelength shift. The sharper the lines are the more
accurate is the calculation. Fast stellar rotation therefore reduces the accuracy and it
might get very di� cult or impossible to detect small shifts of a few ms� 1. Additionally,
it is known that there is a connection between rotation and activity. For Sun-like stars this
was investigated by Noyes et al. (1984), Delfosse et al. (1998) and Pizzolato et al. (2003).
M dwarfs have been studied by Mohanty & Basri (2003), Reiners & Basri (2007, 2010),
Reiners et al. (2012) and Je� ers et al. (submitted). Je� ers et al. (submitted) provided
the largest catalogue of around 750 M dwarfs covering all spectral types from M0.0 V
to M9.0 V. Their work is part of the science preparation for theCARMENESproject.
It was found that activity increases with increasing rotational velocity, up to a point
where it saturates at a threshold velocity depending on the stellar mass (Pizzolato et al.,
2003). Although the observed rotational velocity is only a projection and depends on
the inclination anglei, it can be used as an indicator for high magnetic activity. Mag-
netic activity can induce additional signals in the radial-velocity curve and even mimic
a planetary signal (e.g. Reiners et al., 2013, Robertson et al., 2014, Saar et al., 1998).
Moreover, it a� ects the habitability of a potential planet, since stellar winds interact with
the planet's atmosphere, leading to photo-evaporation of water and high UV-radiation
that can damage DNA. However, the dimensions of this interaction depend on many
parameters, such as activity level, distance between star and planet and strength of the
planetary magnetosphere.

1.3.1. Challenges with low-mass stars

The determination of atmospheric parameters for low-mass stars is more di� cult than for
hotter Sun-like stars. The main opacity sources in cool stellar atmospheres are molecules
instead of atoms. The molecules form forests of molecular lines; their formation is very
complex and sometimes not well understood. For Sun-like stars Fischer & Valenti (2005)
determined stellar properties with high precision. For 1 040 F-, G-, and K-type stars they
obtained uncertainties of 44 K forTe� , 0:06 dex for logg, and 0:03 dex for metallicity. In
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contrast, for low-mass stars, accurate parameters, especially metallicity, are still di� cult
to achieve. Many works have focused on the determination of stellar parameters in low-
mass stars. Van Belle & von Braun (2009) and Boyajian et al. (2012) used the approach
of measuring the e� ective temperatures of low-mass stars from photometrically deter-
mined bolometric �uxes and radii from interferometry. Other authors used theoretical
models for parameter determination. Rojas-Ayala et al. (2012) observed spectra of 133
M dwarfs in the near-infrared K-band. They calculated the H2O-K2 index, which quan-
ti�es the absorption due to H2O opacity. They calibrated the temperatures using BT-Settl
models (Allard et al., 2011) for solar metallicity. Gaidos & Mann (2014) investigated
121 M dwarfs in the near-infrared K-band and visible wavelength range. For the K-band
spectra they worked with spectral curvature indices to determine e� ective temperatures.
For spectra in the visible wavelength range they used BT-Settl model atmospheres.
Several di� erent approaches have been employed to measure the surface gravity. Sé-
gransan et al. (2003) combined interferometric angular diameters and mass-luminosity
relations to derive the stellar mass and from that the surface gravity. Del Burgo et al.
(2013) and Rice et al. (2015) avoid these assumptions about mass and radius by directly
determining the surface gravity from model �ts. Maldonado et al. (2015) measured
masses and radii of early M dwarfs from interferometry to derive the surface gravity.
On the other hand, it is far more di� cult to accurately determine metallicities for low-
mass stars. A usual “line-by-line” approach, as used for Sun-like stars, cannot be em-
ployed, because of the vast amount of molecular lines and bands. A more complex
method is necessary, like a full spectral synthesis. A detailed review about di� erent
approach and methods was presented by Neves et al. (2012) and Passegger et al. (2016).
Independent measurements of M-dwarf metallicities are possible if the star is part of
an FGK+M binary system. As mentioned before, metallicity determination in Sun-
like stars is less complex. Since binary systems are believed to have formed out of the
same molecular cloud, both components are expected to have the same metal abundance.
Bon�ls et al. (2005) investigated 20 FGK+M binaries and presented a colour-metallicity
relation for M dwarfs. This makes it possible to derive metallicities directly from the
colour and reduces the complexity of the problem. Rojas-Ayala et al. (2012) measured
the equivalent width of NaI and CaI in the near-infrared and calibrated their metallicities
with 18 FGK+M binaries. They discovered that the relation found by Bon�ls et al.
(2005) underestimates metallicities for stars with solar and super-solar metallicities. The
metallicities determined by Rojas-Ayala et al. (2012) also agree with those from
Gaidos & Mann (2014), who obtained them from relations between metallicity and the
line strength of atomic lines in the near-infrared H- and K-bands. Maldonado et al.
(2015) measured metallicities and e� ective temperatures from optical spectra pseudo
equivalent widths.
The PHOENIX model atmospheres, developed by Hauschildt et al. (1999) and Allard
et al. (2001), have been widely used in the past decade. Jones et al. (1996) �rst used the
models to perform a line-by-line analysis of atomic lines in the near-infrared, whereas
Gizis (1997) was matching optical spectra with low resolution to these models. High-
resolution spectra have then been used by Valenti et al. (1998) and Zboril & Byrne
(1998). However, the results of these studies illustrate the problems with metallicity de-
termination in M dwarfs. For GJ 699 (Barnard's star), Jones et al. (1996) found [Fe/H]=-
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0.75, whereas Rojas-Ayala et al. (2012) reported [Fe/H]=-0.39� 0.17 and Passegger et al.
(2016) determined [Fe/H]=-0.13� 0.11. Rajpurohit et al. (2013) observed 152 M dwarfs
and obtained low- and medium-resolution spectra. They determined e� ective temper-
atures using BT-Settl models and a� 2-method. Rajpurohit et al. (2014) presented an
improvement of this work, by determining surface gravity and metallicity from high-
resolution spectra of 21 M dwarfs. Similar to my work and the work of Passegger et al.
(2016), they interpolated the model grid points to get accurate parameters. Mann et al.
(2015) determined e� ective temperatures from �tting BT-Settl models to optical spec-
tra, and metallicities using the empirical relation stated by Mann et al. (2013a, 2014)
and equivalent widths of near-infrared atomic lines. Passegger et al. (2016) obtained
e� ective temperatures, surface gravities and metallicities from �tting the latest version
of PHOENIX-ACES model atmospheres to high-resolution optical spectra. Their results
for Te� and logg agree well with results from Mann et al. (2015), Gaidos & Mann (2014)
and Rojas-Ayala et al. (2012). For metallicity they found an average o� set of+0.31 dex
compared to literature values. However, they also investigated the M-dwarf Gl 667C,
which is part of an FGK+M binary system with a known metallicity. The metallicity
determined for the M-dwarf agrees with the metallicity of the higher mass companion,
which supports their method. In this work I improved the method developed by Passeg-
ger et al. (2016) and applied it to a big sample of M dwarfs. In the following chapter I
will describe the method in detail.
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In this chapter I will present the method I used for determining the stellar parameters of
low-mass stars. This includes a short description of the PHOENIX-ACES model atmo-
spheres, followed by the presentation of the algorithm as well as the di� erent spectral
ranges and �tting regions in the visible and near-infrared.

2.1. The PHOENIX-ACES models

The PHOENIX-ACES grid is described in detail by Husser et al. (2013). Table 2.1 sum-
marises the parameters of the grid. For all models with temperaturesTe� � 12 000 K
local thermodynamic equilibrium (LTE) has been assumed. For the wavelength range
I use for �tting, i.e. 3 000 – 25 000 Å, the sampling of the grid corresponds to a reso-
lution of R = 500 000. Alpha element abundances of [� /Fe] , 0 are only available for
Te� between 3 500 K and 8 000 K and for sub-solar metallicities from -3 to 0 dex. Dust
settling was ignored in the models, since all of them haveTe� � 2 300 K. The latest
version of solar abundances was used, published by Asplund et al. (2009). The models
use a new equation of state, the Astrophysical Chemical Equilibrium Solver (ACES),
which extended the validity range in gas pressure and temperature compared to previ-
ous equations of state. Husser et al. (2013) implemented a new parametrisation of the
micro-turbulence and mixing-length, which gave rise to some signi�cant di� erences be-
tween the new and previous PHOENIX models, especially concerning di� erent line and
molecular band strengths, such as the� - and -TiO bands. The mixing length theory
is used to describe stellar convection. The micro-turbulence in�uences the line opacity
and therefore the line strength and has to be included during the line formation pro-
cess. Macro-turbulence does not a� ect the line strength, but triggers micro turbulent
motions and is related viavmicro = 0:5 � hvconvi : hvconvi represents the mean value of the
macro-turbulence and is provided by the PHOENIX model atmospheres by averaging all
non-zero convective velocities of all atmospheric layers. For cool main-sequence stars,
Husser et al. (2013) showed that the micro-turbulence is smaller than 1.5 kms� 1 for solar
abundances.
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Table 2.1.: Parameter space of the PHOENIX-ACES grid. Credit: Husser et al. (2013),
Table 1, reproduced with permission,c ESO.

Variable Range Step size
Te� 2 300 – 7 000 100

7 000 – 12 000 200
logg 0.0 –+6.0 0.5

[Fe/H] -4.0 – -2.0 1.0
-2.0 –+1.0 0.5

[� /Fe] -0.2 –+1.2 0.2

2.2. The �asco -code

The�asco-code was developed to �t the above mentioned PHOENIX-ACES models to
observed spectroscopic data and to �nd the model with the best �tting parameters using
a � 2-method. The code is fully automated. It reads in a list of spectra that should be
processed and returns best �t parameters and plots in an output �le. In the following
subsections the functionality of the code will be explained in detail.

2.2.1. The �tting procedure

The code for parameter determination consists of two parts. The �rst part uses the grid of
model spectra described in Section 2.1 in a wide range around the expected parameters
of the star. Firstly, to match the instrumental resolution, the model spectra are convolved
with a Gaussian. Then the average �ux of the models and the observed spectrum is
normalised to unity. Since M dwarfs show a vast amount of atomic and molecular lines
in their spectra, it is not possible to de�ne a continuum similar to Sun-like stars. Instead,
a pseudo-continuum is de�ned by a large number of points between the spectral lines.
A polynomial of a given degree (default is three, one is used here) is �tted along these
points using a least-squares �t. Then the continuum points that deviate from the current
�t less than three rms are selected by applying an iterative polynomial �t. Typically
ten iterations are su� cient to obtain a polynomial that provides a good estimate for the
pseudo-continuum. Fig. 2.1 illustrates the procedure for di� erent iteration steps in one
wavelength range.
Moreover, the model wavelength grid is interpolated to match the wavelength sampling
of the observed spectrum. Due to the spatial radial velocity of the star, the observed
spectrum is shifted with respect to the rest frame. This shift is determined using a cross
correlation with a default model spectrum. The observed spectrum is then shifted ac-
cording to the measured radial velocity shift in each wavelength range.
Then each wavelength point of each model spectrum is compared to the stellar spectrum.
The� 2 is calculated to �nd a rough global minimum for di� erent wavelength ranges in
the visible or near-infrared regime. The parameters for the three best minima are given
as output because it is possible that the real global minimum lies between the model
grid points. Additionally, the algorithm gives� 2-maps for di� erent combinations of all
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output parameters and� 2-curves for each parameter, and a plot of the spectrum and the
best �t model in each wavelength range. This can be seen in Figs. 2.2 and 2.3.
In the second part, the region around the global minimum found in the �rst part is ex-
plored on a �ner grid. Exploring a �ner grid involves interpolation between the model
grid points. I investigated linear and quadratic interpolations on a small sample of stars
and concluded that there is no signi�cant di� erence between the resulting parameters.
To save computation time, a linear interpolation is used. A downhill simplex then walks
around in the parameter space. For every set of parameters, a function looks for the near-
est model grid points and interpolates the corresponding model spectra. To remove false
signals from cosmics or bad pixels, which appear as strong peaks in the spectrum, a sim-
ple sigma clipping procedure is performed before the algorithm continues. To account
for the rotational velocity of the star the model spectrum is broadened using a broaden-
ing function. The function calculates the e� ect on the line spread function caused by
the rotation of the star. It assumes a constant limb darkening coe� cient of 0.6 (typi-
cally valid for M dwarfs) across the stellar disk. The resulting line spread function is
convolved with the model spectrum. The input values for the rotational velocity will be
discussed later. Di� erent �tting algorithms have been investigated to analyse the grid
in more detail and �t models to the observed spectrum. This was done by calculating
a detailed� 2-map for 50 stars and identifying the global minimum on this map. I used
four di� erent �tting routines, namely the IDL built-in functionscurve�t and MPFIT, as
well as AMOEBA and the downhill simplex, to �nd the global minimum. The results
show that the downhill simplex �nds the global minimum more precisely than the other
algorithms, which also tend to get stuck in local minima more easily. Since the� 2-maps
can feature plateaus the step size of thecurve�t and MPFIT procedures can be too small
to escape. The AMOEBA routine gives good results as well, but the downhill simplex
shows better stability when it comes to large sample sizes. An example for the per-
formance of the four algorithms is shown in Fig. 2.4. Back to the algorithm, the� 2 is
calculated for the interpolated spectrum and the observed spectrum, and the value is re-
turned to the simplex, which decides in which direction in the parameter space to move
next or if the best� 2 is already found. The whole procedure is done for all three minima
found in the �rst part. The result is a plot of the observed spectrum with the best �t
model. Fig. 2.5 shows an example of a typical spectrum of an M0.5-star observed with
CARMENESwith the best �t model. Fitted lines are identi�ed and marked.
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Figure 2.1.: Illustration of continuum �tting procedure for di� erent iteration steps.
Black shows a model spectrum for a typical M3-star in the region of the Na-lines. The
blue dots mark all points that deviate by 3 rms from the mean, the continuum (red) is
�tted through these points and the deviation of 3 rms is calculated again. The panels
represent the �t after iteration 0, 1, 5 and 10 (from top to bottom).
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Figure 2.2.: Results from the �rst part of the �tting procedure on the coarse grid. Left
column: � 2-maps for all parameter combinations. The red cross marks the minimum.
Right column:� 2-curves for each parameter. This kind of plot is produced for all three
minima.
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